Context. We study the convection zones in the outer envelope of hot massive stars which are caused by opacity peaks associated with iron and helium ionization. Aims. We determine the occurrence and properties of these convection zones as function of the stellar parameters. We then confront our results with observations of OB stars. Methods. A stellar evolution code is used to compute a grid of massive star models at different metallicities. In these models, the mixing length theory is used to characterize the envelope convection zones. Results. We find the iron convection zone (FeCZ) to be more prominent for lower surface gravity, higher luminosity and higher initial metallicity. It is absent for luminosities below about 10 3.2 L ⊙ , 10 3.9 L ⊙ , and 10 4.2 L ⊙ for the Galaxy, LMC and SMC, respectively. We map the strength of the FeCZ on the Hertzsprung-Russell diagram for three metallicities, and compare this with the occurrence of observational phenomena in O stars: microturbulence, non-radial pulsations, wind clumping, and line profile variability. Conclusions. The confirmation of all three trends for the FeCZ as function of stellar parameters by empirical microturbulent velocities argues for a physical connection between sub-photospheric convective motions and small scale stochastic velocities in the photosphere of O-and B-type stars. We further suggest that clumping in the inner parts of the winds of OB stars could be caused by the same mechanism, and that magnetic fields produced in the FeCZ could appear at the surface of OB stars as diagnosed by discrete absorption components in ultraviolet absorption lines.
Introduction
Massive stars, in a general sense, have convective cores and radiative envelopes (Kippenhahn & Weigert 1990) . The introduction of the so called "iron peak" in stellar opacities (Iglesias et al. 1992 ) led, however, to the prediction of a small convection zone in the envelope of sufficiently luminous massive main sequence models (Stothers & Chin 1993) . It is often accompanied by an even smaller convection zone which originates from an opacity peak associated with partial helium ionization. These two convection zones comprise almost negligible amount of mass. The reality of the iron opacity bump, as predicted by various groups (e.g., Iglesias et al. 1992; Badnell et al. 2005) , is unambiguous. It is most obvious in the field of stellar pulsations. Only the inclusion of this feature allows an agreement of observed and predicted instability regimes in the HR diagram, from the white dwarf regime (e.g. Saio 1993; Charpinet et al. 1997) , for main sequence stars (e.g., β Cephei stars; see Deng & Xiong 2001 , and references therein), and up to hot supergiants (Saio et al. 2006) .
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While the envelope convection zones may, at first glance, be negligible for the internal evolution of hot massive stars, they may cause observable phenomena at the stellar surface. The reason is that the zones are located very close to the photosphere for some mass interval (see below). Here, we will discuss which observed features in hot stars might be produced by these near surface convection zones. In particular, we examine whether a link exists between these convective regions and observable small scale velocity fields at the stellar surface and in the stellar wind, "microturbulence". A similar idea has been used to explain microturbulence in low mass stars (Edmunds 1978) , in which deeper envelope convection zones reach the photosphere. While Edmunds (1978) concludes that the same mechanism cannot explain microturbulent velocities in O and B stars, the ironpeak induced sub-photospheric convection zones in these stars had not yet been discovered. We demonstrate in this paper that these convection zones may not only cause motions which are observable, but possibly even directly affect the evolution: First, we discuss how photospheric velocity fields may affect the structure of massive star winds by inducing clumping at the base of the wind and thereby affecting the stellar mass-loss. And second, we argue that the near surface convection zones may generate magnetic fields which -if they migrate to the surface -further affect the stellar wind mass-loss and, more significantly, the associated stellar angular momentum loss.
We construct grids of massive main sequence star models, for various metallicities, that allow us to predict the occurrence and properties of sub-surface convection zones as function of the stellar parameters (Sect. 3). We then compare the model predictions with observed stellar properties, e.g., empirically derived microturbulent velocities and observations of wind clumping in hot massive stars (Sect. 4).
Method
Our stellar models are calculated with a hydrodynamic stellar evolution code. This code can calculate the effect of rotation on the stellar structure, rotationally induced chemical mixing, and the transport of angular momentum by magnetic torques (see Petrovic et al. 2005; Yoon et al. 2006 , and references therein). Compositional mixing is treated as a diffusive process. The rate of change of a nuclear species of mass fraction X i is calculated as
where D is the diffusion coefficient constructed from the sum of individual diffusion coefficients for the range of mixing processes (see Heger et al. 2000 , and references therein). The second term on the right hand side is the schematic symbol to stand for all nuclear reactions. The contributions to the diffusion coefficient are convection, semiconvection and thermohaline mixing. For rotating models also the contributions from rotationally induced mixing and magnetic diffusion are computed. The transport of angular momentum is also treated as a diffusive process (Endal & Sofia 1978; Pinsonneault et al. 1989; Heger et al. 2000) . The Ledoux criterion is used to determine which regions of the star are unstable to convection:
(e.g., Kippenhahn & Weigert 1990) where ∇ ad is the adiabatic temperature gradient and ∇ µ is the gradient in the mean molecular weight. The diffusion coefficient, D, in convective regions is approximated with
where H P is the pressure scale height, c is the convective velocity, and α the mixing length parameter. We fix α = 1.5, which results from evolutionary tracks of the Sun (e.g. Abbett et al. 1997; Ludwig et al. 1999 ); a sensitivity study of the α dependence of our scenario will be presented in future work. The convective velocity, c , is calculated using the mixing length theory (Böhm-Vitense 1958) (MLT hereafter) and the convective contribution to the diffusion coefficient becomes:
where κ is the opacity, ρ is the density, β is the ratio of gas pressure to total pressure, g is the local gravitational acceleration, and c is the speed of light. Here, ∇ rad and ∇ ad are the radiative and adiabatic gradients, respectively. We use the solar composition proposed by Asplund et al. (2005) . The opacities in our code are extracted from the OPAL Fig. 1 . Opacity in the interior of 60 M ⊙ zero age main sequence stars of various metallicities (see legend) as a function of temperature, from the surface up to a temperature of 10 7 K. The different colors refer to different metallicities, as shown in the legend.
tables (Iglesias & Rogers 1996) . Fig. 1 shows the opacity coefficient as function of temperature in our 60 M ⊙ models for various metallicities. The peaks at log T ≃ 4.7 and log T ≃ 5.3 are caused by helium and iron, respectively. The peak at log T ≃ 6.2 − 6.3 is caused by carbon, oxygen and iron.
We use the metallicity dependent mass-loss predictions of Vink et al. (2001) .
The helium convection zone
In the very weak helium convection zone, radiative diffusion is the dominant energy transport mechanism, which may have consequences for the development of convection. In fact, in viscous fluids the Ledoux-criterion is not strictly correct, since it ignores any dissipative effect on the evolution of a perturbation. A more accurate criterion can be expressed in terms of the nondimensional Rayleigh number, Ra which for compressible, stratified convection, is
Here L is the thickness of the convective layer, and κ and ν are, respectively, the thermal diffusivity and the kinematic (molecular) viscosity (e.g, Shore 1992, p. 328) . For convection to develop, Ra must exceed some critical value, Ra c . The estimate of Ra in the helium convective region depends on the choice of the viscosity coefficient. For the Spitzer formula (Spitzer 1962) ,Ra > Ra c , and the region can be considered convective. In contrast, for the radiative viscosity (e.g, Kippenhahn & Weigert 1990, p. 445) , Ra < Ra c . There is an additional uncertainty in these estimates since the expressions for the radiative transport coefficients in our models are strictly correct only in the diffusion limit. Likewise, the value of the heat capacity c p can vary by an order of magnitude depending on whether the radiative energy reservoir aT 4 is coupled to the internal energy of the gas or not. Since the helium convection zone occurs very close to the surface in our models, these additional uncertainties could be relevant.
Ideally, the properties of the helium convection zone could be studied through multi-dimensional hydrodynamic calculations. However, the large thermal diffusivity poses a formidable computational challenge since it makes the problem numerically stiff: the diffusive timescale is much shorter than the dynamical one, which leads to very short time steps if an explicit solver is used (unfortunately, most codes used for compressible convection are explicit). Any simulation would have only limited value unless it includes a sufficiently realistic treatment of the coupling between plasma and radiation.
In the presence of strong wind mass-loss, another consideration related to the He convective zone becomes important, due to the fact that it comprises only a tiny amount of mass. Convection can set in only if the turnover time τ turn ≃ H P / c is shorter than the time scale for which convection is predicted to prevail at a fixed Lagrangian mass shell inside the convection zone, τ conv , which is τ conv ≃ ∆M conv /Ṁ. We find a critical mass-loss rateṀ ∼ 10 −6 M ⊙ yr −1 , above which convection has no time to develop in the helium region, since the wind is removing an amount of mass equivalent to the mass of the convection zone before a convective eddy can turn over (see Tab. 1). For a metallicity Z=0.02, stars above 40 M ⊙ cannot develop the He convection zone, and in a 20 M ⊙ such a layer is convective only for 10 -100 turnovers before convection moves to a lower mass coordinate. None of these concerns is significant for the iron convection zone (FeCZ hereafter), where convection is always fully developed. Moreover the convective velocities for the FeCZ are always found to be much higher than those in the helium convection zones. We disregard the occurrence of the helium convection zones unless it is explicitly mentioned.
Results
We calculated a grid of non-rotating stellar evolution sequences for initial masses between 5 M ⊙ and 100 M ⊙ , at metallicities of Z=0.02, Z=0.008 and Z=0.004, roughly corresponding to the Galaxy, the LMC and the SMC, respectively. Additionally, we computed several models at lower metallicity. Since rapid rotation can change the properties of sub-surface convection (Maeder et al. 2008) , we calculated a few rotating models to evaluate the effects of rotation on our results. These effects are discussed in Section 3.1.
Figures 2 and 3 show the evolution of the radial extent and location of the sub-surface convection zones in 20 M ⊙ and 60 M ⊙ models during the main sequence phase.
As outlined above, the He opacity bump at around log T ≃ 4.7 is responsible for a convective zone which occurs close to the stellar surface and is very inefficient: only a very small fraction of the heat flux is transported by bulk motions in this region. The upper boundary is typically found at an optical depth in the range 2 ≤ τ ≤ 10, where τ is the Rosseland mean optical depth. Below this convective zone, the Fe opacity bump at around log T ≃ 5.3 is associated with a more efficient and extended convective region.
The radial extent of the FeCZ is quite substantial, i.e. a significant fraction of one solar radius, which corresponds typically to 2 -10 pressure scale heights, comprising a mass on the order of 10 −6 M ⊙ to 10 −5 M ⊙ , while the amount of mass between the top of the FeCZ and the stellar surface is around several times 10 −7 M ⊙ (cf. Table 1 ). In the 20 M ⊙ model the upper border of the FeCZ is located at τ ≈ 140 on the ZAMS, and at τ ≈ 370 on the cool side of the main sequence band. In the 60 M ⊙ model the upper border at ZAMS is located at τ ≈ 15, reaching τ ≈ 260 during the late main sequence evolution. Convective velocities predicted by the MLT are on the order of 10s of km s −1 , where Fig. 2 . Evolution of the radial extent of the helium and iron convective regions (hatched) as function of time, from the zero age main sequence to roughly the end of core hydrogen burning, for a 20 M ⊙ star. The top of the plot represents the stellar surface. Only the upper 1 R ⊙ of the star is shown in the plot, while the stellar radius itself increases during the evolution. Upper panel: The star has a metallicity of Z=0.02, and its effective temperature decreases from 35 000 K to 25 000 K during the main sequence phase. Lower panel: The star has a metallicity of Z=0.004, and its effective temperature decreases from 37 000 K to 27 000 K during the main sequence phase. The extent of the convection zones is smaller than in the case shown above, and the iron zone is absent for the first 2.5 million years. more extended zones achieve higher velocities. For a quantitative analysis, we define an average convective velocity
where R c is the upper boundary of the convective zone, and where we set α = 1.5. From Figures 2 and 3, three trends for the extent of the subsurface convection zones are noticeable. First, with increasing time during the main sequence evolution, these zones become more extended, and are located deeper inside the stellar envelope. This is because the stellar envelope expands, and becomes cooler, while the temperature of the opacity peak remains nearly constant. In our 20 M ⊙ model at Z=0.02, the mass of the He convective zone increases from about 10 −9 M ⊙ to 2 × 10 −7 M ⊙ , and that of the FeCZ is growing from 2 × 10 −6 M ⊙ to 10 −4 M ⊙ . For sufficiently hot models, the helium convection zones can even vanish (Fig. 2, lower panel) . Second, comparing the 20 M ⊙ and the 60 M ⊙ model at Z=0.02 demonstrates that the FeCZ becomes more prominent for higher luminosity. This is because the opacity is not substantially changing among main sequence models at the same metallicity, such that a higher luminosity renders a larger portion of the envelope convectively unstable (both in radius and mass fraction). Our models show that the FeCZ disappears below a threshold luminosity of about 10 4 L ⊙ on the ZAMS at solar metallicity. Third, comparing the two 20 M ⊙ models in Fig. 2 shows that the extent of the FeCZ, and its presence, depends on the metallicity. We find that for Z=0.001, it is completely absent below 40 M ⊙ , and at Z=0.00001 it does not occur for M ≤ 60 M ⊙ . In summary, our models predict an increase of the importance of the FeCZ for cooler surface temperature or lower surface gravity, for higher luminosity, and for higher metallicity.
While in the discussed range of luminosity and effective temperature, the average convective velocity c is on the order of 1 to 10 km s −1 for the FeCZ, we found that the average convective velocity c in the He convective zone is always very low ( ∼ < 1 km s −1 ). Convection due to hydrogen recombination is absent; this dominates at lower effective temperatures than the ones studied here.
For our grid of stellar evolution models, we map the average convective velocity of the FeCZ (Eq. 6) in the HR diagram for the three different metallicities (see Fig. 9 , and Sect. 4.1.2). This figure displays the three qualitative trends of the iron zone we have just described.
-For given luminosity and metallicity, the average convective velocity near the upper boundary of the FeCZs increases with decreasing surface temperature. The convection zones are located deeper inside the star (in radius, not in mass), and the resulting larger pressure scale height leads to higher velocities. At solar metallicity and 10 5 L ⊙ (i.e. roughly at 20 M ⊙ ) the velocities increase from just a few km s −1 at the ZAMS to more than 10 km s −1 in the supergiant regime, where c = 2.5 km s −1 is achieved at T eff ≃ 30 000 K. At the lowest considered metallicity, the FeCZ is absent at the ZAMS at 10 5 L ⊙ , and a level of c = 2.5 km s −1 is only reached at T eff ≃ 20 000 K. -For fixed effective temperature and metallicity, the iron zone convective velocity increases with increasing luminosity, since a larger flux demanded to be convectively transported requires faster convective motions. Figure 9 in Sect. 4.1.2 also shows that there are threshold luminosities below which FeCZs do not occur, i.e., below about 10 3.2 L ⊙ , 10 3.9 L ⊙ , and 10 4.2 L ⊙ for the Galaxy, LMC and SMC, respectively. -The FeCZs become weaker for lower metallicities, since due to the lower opacity, more of the flux can be transported by radiation. The threshold luminosity for the occurrence of the FeCZ quoted above for Z=0.02 is ten times lower than that for Z=0.004. And above the threshold, for a given point in the HR diagram, the convective velocities are always higher for higher metallicity.
Rotating models
We considered two 20 M ⊙ models with metallicity Z=0.02, one rotating at birth with an equatorial velocity of 250 km s −1 (corresponding to about 35% of the critical velocity) and one with 350 km s −1 (about 50% of the critical velocity). The evolution of the radial extent of sub-surface convection in the rotating models is very similar to the non-rotating case shown in Fig. 2 . Also the convective velocities inside the FeCZ change only a few percent between rotating and non-rotating models, even if the rotating models show slightly higher convective velocity peaks (see Fig. 4 ). We conclude that rotation is not significantly affecting the structure and the properties of sub-surface convection in the vast majority of OB stars. As pointed out by Maeder et al. (2008) , the effects of rotation on sub-surface convection become substantial for stars rotating close to critical velocity. While stars rotating with such high velocities exist (e.g. Be stars), their number is modest. The study of sub-surface convection in these very fast rotators is interesting, but may require 2-dimensional stellar models, which is beyond the scope of this paper.
Comparison with observations
In the following, we investigate the idea that these sub-surface convection zones might be related to observable phenomena at the stellar surface. In particular, we investigate potential connections with microturbulence in massive stars, and discuss whether small scale or large scale clumping in massive star winds, magnetic fields, and non-radial pulsations could be related to subsurface convection. For each point, we first briefly discuss the theoretical motivation, and then the corresponding observational evidence.
Microturbulence

Theoretical considerations
The convective cells in the upper part of a convection zone excite acoustic and gravity waves that propagate outward. The generation of sound waves by turbulent motions was first discussed by Lighthill (1952) and extended to a stratified atmosphere by Stein (1967) and Goldreich & Kumar (1990) . In a stratified medium, gravity acts as a restoring force and allows the excitation of gravity waves. For both acoustic and gravity waves, the most important parameter determining the emitted kinetic energy flux is the velocity of the convective motions. This is why, in the following, we use the average convective velocity c as the crucial parameter determining the efficiency of sub-surface convection. Goldreich & Kumar (1990) showed that convection excites acoustic and gravity waves, resulting in maximum emission for those waves with horizontal wave vector k h ∼ 1/H P,c and angular frequency ω ∼ c /H P,c , where now c and H P,c are evaluated at the top of the convective region. They calculated that the amount of convective kinetic energy flux going into acoustic and gravity waves is
and
respectively, where we take F c ∼ ρ c c 3 and M c is the Mach number in the upper part of the convective region. Since convection in our models is subsonic, gravity waves are expected to extract more energy from the convective region than acoustic waves. These gravity waves can then propagate outward, reach the surface and induce observable density and velocity fluctuations (Fig. 5) .
The Brunt-Vaisäla frequency in the radiative layer above the FeCZ is about mHz. Molecular viscosity can only damp the highest frequencies, while wavelengths that will be resonant with the scale length of the line forming region should not be affected (see e.g. Lighthill 1967 ). This is the case for the gravity waves stochastically excited by convective motions: they can easily propagate through the sub-surface radiative layer, steepening and becoming dissipative only in the region of line formation.
Again, multi-dimensional hydrodynamic simulations would be the best way to compute the energy loss of these waves during their propagation through the radiatively stable envelope above the FeCZ, but this is beyond what we can presently do. We can, however, obtain an upper limit to the expected velocity amplitudes at the stellar surface, where we only consider the energy transport through gravity waves. The kinetic energy per unit volume associated with the surface velocity fluctuations E s must be comparable to or lower than the kinetic energy density associated with the waves near the sub-surface convection zone,
where ρ c is the density at the top of the convective region and ρ s is the surface density, and s is the surface velocity amplitude. In this ratio we only consider energy density since the volume of the line forming region is comparable to the volume of the upper part of the convective zone. Therefore, we expect
In our models with well developed FeCZs, M c ρ c /ρ s ≃ 1 (order of magnitude), and thus s and c should be on the same order of magnitude. It is difficult to estimate the typical correlation length of the induced velocity field at the stellar surface, but a plausible assumption is that it is about one photospheric pressure scale height, H P,s , given the proximity of the FeCZ to the surface and the fact that the horizontal wave vector of the emitted waves is k h ∼ 1/H P,c . 
Observations
The microturbulent velocity ξ is defined as the microscale nonthermal component of the gas velocity in the region of spectral line formation:
Assuming that the gas in this zone has a temperature only slightly different from the effective temperature, one finds empirically that the observed Doppler widths ∆λ D cannot be accounted for by the thermal motions alone (e.g. Cowley 1970 ). Regardless of which physical mechanism causes microturbulence, the process of spectral line fitting yields values of ξ in hot massive stars between 0 and about 20 km s −1 . In contrast, macroturbulence corresponds to velocity fluctuations which are coherent on a length scale larger than the radial extent of line forming regions. If indeed the length scale of the photospheric velocity fluctuations induced by the iron convection zone are on the order of the photospheric pressure scale height, then this length scale is also comparable to the radial extent of line forming regions, and it is difficult to decide whether the velocity fluctuations would be manifested as micro-or as macroturbulence, or both. Below, we compare our model predictions only to the case of microturbulence since this is the empirical parameter most extensively available in the literature.
Photospheric microturbulence is routinely required, e.g., to derive consistent surface abundances for one element from different photospheric absorption lines through stellar model atmospheres (among many others Rolleston et al. 1996; Hibbins et al. 1998; Vrancken et al. 2000) . Unfortunately, differences in physical assumptions or atomic physics can require somewhat different microturbulent velocities for the same star in different studies. Here, we restrict our detailed comparison to the data of Trundle et al. (2007) and Hunter et al. (2008b) from the ESO VLT-FLAMES Survey of Massive Stars (Evans et al. 2005) , since it comprises the largest available uniformly analyzed data set. In Fig.6 , we plot the microturbulent velocities derived for the LMC early B type stars analyzed by Hunter et al. (2008b) versus their projected rotational velocity. The error bar on the derived Hunter et al. (2008b) . Different symbols refer to different luminosity intervals, as explained in the legend. The microturbulent velocities ξ have typical uncertainties of about ±5 km s −1 . An uncertainty of 10% or ±10 km s −1 , whichever is the larger, should be considered for the rotational velocity measurements. microturbulent velocities is usually quite big, ±5 km s −1 , and is often comparable to the measured quantity itself. There seems to be no positive correlation between ξ and the apparent projected rotational velocity sin i. Though sin i is plotted and not itself, the lack of a correlation in such a large data set (justifying the assumption of random orientation of the sample) argues against rotation as an important effect in triggering microturbulence in hot stars. To compare microturbulent velocities to properties of sub-photospheric convection we use only data obtained for slow rotators (i.e. sin i < 80 km s −1 ) as microturbulent velocities are more difficult to measure for faster rotators.
In Fig.7 , we show the microturbulent velocities for the LMC stars of Hunter et al. (2008b) versus the stellar surface gravity. Trends of the microturbulent velocity with log g have been previously reported for hot stars (e.g Gies & Lambert 1992; Hunter et al. 2007 ). The figure shows that indeed, for log g < 3.2, there is a clear trend. However, the luminosity coding in Fig.7 suggests that this trend may be largely produced by the increase in convective velocity with increasing luminosity (Sect. 3). This figure displays a detection threshold of about 10 km s −1 for the microturbulent velocities so in the following we restrict the comparison to ξ ≥ 10 km s −1 . In order to compare these observations to our model predictions, we evaluated the ratio of the kinetic energy in the form of gravity waves at the surface of the FeCZ to the kinetic energy of the surface velocity field, E g /E s (Eq. 9), assuming s = 10 km s −1 , in the HR diagram. Fig. 8 shows two different iso-contours of this ratio; the stars of the LMC sample shown in Fig. 7 are over plotted. Notably, all but one of the LMC stars of Fig. 8 with ξ > 10 km s −1 are found in that part of the HR diagram where it is energetically possible that the FeCZ-induced gravity waves trigger a significant surface velocity field ( s > 10 km s −1 ). Thus, a physical connection of the FeCZ with the observed microturbulent velocities appears energetically possible. Moreover, that the iso-contour line of E g /E s = 1 in Fig. 8 almost perfectly divides the observed sample in stars with significant (ξ > 10 km s −1 ) and insignificant (ξ < 10 km s −1 ) microturbulence is a further indication of such a physical connection. Figure 9 shows the iso-contours in the HR diagram of the average convective velocity from our models in the upper layers of the iron convective zone, c (cf., Sect. 4.1.1), at the three considered metallicities. We have over plotted the microturbulent velocities derived by Trundle et al. (2007) and Hunter et al. (2008b) as filled circles. Again, we distinguish between sample stars with significant (ξ > 10 km s −1 ; Group A) and insignificant (ξ < 10 km s −1 ; Group B) microturbulent velocities. Comparing the plot for the LMC in Fig. 9 with Fig. 8 identifies c ≃ 2.5 km s −1 as a critical convection velocity to be able to trigger microturbulence. Interestingly, the contour of c = 2.5 km s −1 in our stellar models forms an almost perfect dividing line between Groups A and B for all three considered metallicities.
In fact, Fig. 9 provides evidence for all three trends found in the average convection velocity as function of stellar parameters (cf., Sect. 3) to be present also in the empirical data on microturbulent velocities. The LMC data shows that in the luminosity range 4.5 < log L/L ⊙ < 5.5 microturbulence is found only for T eff ∼ < 25 000 K. The data for all three metallicities clearly suggests a key role of the luminosity, as the stars with ξ > 10 km s −1 are the most luminous ones in each sub sample. And finally, the stars with high microturbulent velocities are all comfortably above our theoretical contour line corresponding to c = 2.5 km s −1 . As the latter trends toward the upper right corner of the HR diagram for lower metallicity, the metallicity dependence is also confirmed by the empirical data. Lyubimkov et al. (2004) studied microturbulence in a sample of 100 Galactic early B stars. Interestingly, they found significant microturbulent velocities (i.e., clearly above 5 km s −1 ) in the mass range 7...11 M ⊙ for stars with a relative age on the main sequence of t/τ MS > 0.8, and in the range 12...19 M ⊙ for t/τ MS > 0.25, but only insignificant microturbulent velocities for younger or less massive stars. Again, these results appear to agree with Fig. 9 up to a remarkable quantitative level. Fig. 8 . Values of the ratio E g /E s of the kinetic energy in the form of gravity waves above the iron convection zone, to the kinetic energy of the surface velocity field, as a function of the location in the HR diagram (see color scale). This plot is based on evolutionary models between 5 M ⊙ and 100 M ⊙ for LMC metallicity. We estimated the ratio E g /E s as in Eq. 9, using a value s = 10 km s −1 for the surface velocity amplitude. Over-plotted as filled circles are stars which have photospheric microturbulent velocities ξ derived in a consistent way by Hunter et al. (2008b) . Here, we use only data for stars with an apparent rotational velocity of sin i < 80 km s −1 . The uncertainty in the determination of ξ is typically ±5 km s −1 , which justifies our choice of s = 10 km s −1 . Solid white lines are reference evolutionary tracks. The full drawn black line corresponds to the zero age main sequence.
In summary, our comparison provides evidence for a physical connection of microturbulence in hot star photospheres with the existence and strength of a sub-photospheric FeCZ.
If microturbulence has a physical origin and is not just a fudge factor, the pressure and energy terms associated with such a velocity field should be included in the calculations of atmospheric models of massive stars. Hubeny et al. (1991) have investigated part of these effects by accounting for a constant microturbulent velocity in the pressure term only. They find that for stars with conspicuous ξ values (of 25 km s −1 ) the inclusion of the pressure term leads to higher values of the surface gravity, which can reduce the mass discrepancy for O stars and O-type central stars of planetary nebula. A similar approach was also studied by Smith & Howarth (1998) . The impact on gravity discussed by Hubeny et al. (1991) is likely an upper limit to the effect as, first, the ξ values are in most cases less than 25 km s −1 , and, second, a positive gradient in the atmospheric ξ(r) would decrease the pressure gradient due to microturbulence but, to date, the radial stratification of the microturbulent velocity in the atmospheres of hot massive stars has not been studied in detail. From a theoretical perspective, investigating ξ(r) requires hydrodynamic simulations of the stellar atmosphere, including the presence of sub-surface convection.
The mass discrepancy in massive stars is a well documented problem (see for example Herrero et al. 1992; Lennon et al. 2003; Trundle & Lennon 2005; Massey et al. 2005; Mokiem et al. 2007) . It is typically found that the difference between spectroscopic mass and evolutionary mass is most pronounced in supergiants. In main sequence stars it may not be present at all, but see Hunter et al. (2008b) . Given that Fig. 9 . Average convective velocity within 1.5 pressure scale heights of the upper border of the iron convection zone in our models, as function of the location in the HR diagram (see color scale), based on evolutionary models between 5 M ⊙ and 100 M ⊙ (white lines), for three metallicities corresponding to the Galaxy (top panel), the LMC (middle), and the SMC (bottom). The full drawn black line corresponds to the zero age main sequence. Over-plotted as filled circles are photospheric microturbulent velocities ξ derived in a consistent way for hot massive stars by Trundle et al. (2007) and Hunter et al. (2008b) . Here, we use only data for stars with an apparent rotational velocity of sin i < 80 km s −1 . The uncertainty in the determination of ξ is typically ±5 km s −1 . Fig. 10 . Values of the mass discrepancy (evolutionary mass divided by spectroscopic mass) as function of microturbulent velocity in the sample of B stars analysed by Trundle et al. (2007) and Hunter et al. (2008b) . Here, we use only data for stars with an apparent rotational velocity of sin i < 80 km s −1 .
microturbulent velocities are highest in supergiants (see Fig. 7 ) an empirical correlation between mass discrepancy and microturbulent velocity is to be expected and is shown in Fig. 10 using data analysed by Trundle et al. (2007) and Hunter et al. (2008b) . If indeed microturbulence is related to subsurface convection and supergiants have intrinsically higher microturbulent velocities than dwarfs (see Section 3) potentially part of the gradient in Fig. 10 may be explained by the effect discussed by Hubeny et al. (1991) .
Non-radial pulsation
Theoretical considerations
In our discussion thus far we have considered only the propagation of running waves, it is possible that the stochastic convective motions can also excite standing waves, i.e. highorder non-radial pulsations. For example, stochastic excitation is thought to be the cause of the Solar oscillations (Ulrich 1970; Leibacher & Stein 1971 ). It may thus be possible that the FeCZ excites non-radial pulsations in hot early-type stars. Several classes of OB star models are found to be linearly unstable against non-radial pulsations, among which are the β Cephei stars and the slowly pulsating B stars (e.g., Dupret 2001; Pamyatnykh 1999) . The key ingredient required for the pulsational instability is the iron opacity peak described in Sect. 2. As convection is not required to produce the pulsations in these models, it is not considered in detail as excitation mechanism (Dziembowski 2008) . It is conceivable that the convective excitation could modify the predicted pulsation spectrum and/or extend the instability region of certain linear instabilities. The convective kinetic energy flow into waves could be predominantly directed into those modes for which instability is predicted in the models. In certain parts of the HR diagram, one may thus suspect an intricate connection between the occurrence of a sub-photospheric iron convection zone and the properties of non-radial pulsations.
Non-radial pulsations have also been considered as the origin of various observed small scale (e.g., line profile variability, Fullerton et al. 1996 Fullerton et al. , 1997 ) and large scale phenomena (e.g., so called discrete absorption components, Prinja & Howarth 1988; Massa et al. 1995; Kaper et al. 1997; Prinja et al. 2002) at the surface or in the wind of massive OB stars. Non-radial g-mode pulsations were also recently proposed as the origin of observable macroturbulence in massive B type stars (Aerts et al. 2008 ). In Fig. 11 we compare the regions where strange mode, g-mode, and p-mode pulsations are predicted to occur in the HR diagram with the region where our models predict a strong FeCZ. Pulsations appear to be almost ubiquitous when all types of variables are accounted for. The strange mode pulsators are predicted to cover the HR diagram at high luminosity, where we plotted only the predictions for the radial strange modes of Kiriakidis et al. (1993) ; high-order non-radial strange modes seem to be omnipresent as well for stars above 40 M ⊙ or so (Glatzel & Mehren 1996) . Non-radial g-mode pulsators are predicted by Saio et al. (2006) in the B supergiant region. And radial and low order non-radial p-modes are predicted for the β Cephei regime by Deng & Xiong (2001) and by Pamyatnykh (1999) and Saio et al. (2006) for a considerably larger region in the HR diagram. At lower metallicity, many of the predicted areas in the HR diagram are smaller (cf., Kiriakidis et al. 1993; Deng & Xiong 2001) but the general picture is still incomplete.
Observations
Observationally, the classical β Cephei stars are concentrated in the region predicted by Deng & Xiong (Stankov & Handler 2005) , while the B supergiant non-radial g-mode pulsators overlap with the prediction of Saio et al. (2006) but extend to an effective temperature of ∼ 10 000 K (Lefever et al. 2007 ). Pulsations are also found for the most luminous stars (e.g., the α Cygni-variables; van Leeuwen et al. 1998 ), but there is now no clear evidence for strange mode pulsators. Comparing the prediction for the FeCZ with that for pulsational instability (Fig.11) shows two things. Firstly, the FeCZ-region is much larger than any region for a particular pulsational instability. Thus, distinguishing whether a certain observational feature is caused by a particular pulsational instability by the FeCZ might, in principle, be possible, since the area in the HR diagram where the latter occurs but the pulsational instability does not is relatively large. Secondly, some regions exist where (so far) no pulsations are predicted but the FeCZ in our models is strong, or where, vice versa, pulsations are predicted but the FeCZ is weak or absent.
Comparing Fig. 11 with Fig. 9 , where we show the observations of microturbulence and the FeCZ predictions, it is unlikely that microturbulence is associated with a particular pulsational instability. Strong microturbulence is observed at too low a luminosity to be attributable to strange mode pulsations alone, while p-mode pulsators are found where microturbulence seems not to occur. Concerning the g-mode pulsators the situation is less clear. Fig. 11 shows that, at solar metallicity, g-mode pulsations for post-main sequence stars are expected only in a rather narrow luminosity interval. Unfortunately, the five Galactic stars shown in Fig. 5 for which strong microturbulence is derived are all inside this luminosity range, so they cannot distinguish between a pulsational or FeCZ origin of microturbulence. However, looking at the LMC data, stars above the g-mode luminosity upper limit with microturbulence are found; whether or not corresponding stellar models are g-mode unstable is currently not known. A connection of microturbulence with non-radial pulsations is thus not impossible, but it is also not very likely.
Comparing Fig. 11 with the discrete absorption components (DACs) found in 200 Galactic O stars above ∼ 20 M ⊙ by Howarth & Prinja (1989) all the way to the zero age main se- quence, seems to argue against non-radial pulsations as the origin of the DACs phenomenon (see also Sect. 4.4).
Wind clumping 4.3.1. Theoretical considerations
Observational evidence exists for stellar wind inhomogeneities on small and on large scales. While the latter will be discussed in Sect. 4.4, here we consider only small scale wind structure, or wind clumping. In Sect. 4.1, we discussed that waves produced by the FeCZ could lead to velocity fluctuations at the stellar surface. In order to induce wind clumping, those waves should induce density fluctuations at the stellar surface. Through the occurrence of porosity or shifts in the ionisation balance of the gas the mass-loss rate may be affected. For this to happen, the amplitude of the velocity fluctuations at the surface should be on the same order of the sound speed. Alternatively, the velocity fluctuations might directly affect the local mass-loss rate through the Doppler effect, if the amplitude of the velocity fluctuations is on the same order as the speed of the wind flow, which, at the base of the wind, is approximately the sound speed. As the sound speed at the surface in our massive main sequence models is on the order of a few times 10 km s −1 , we consider here those stellar models potentially capable to produce wind clumping for which the convective velocities in the upper part of the FeCZ c ≥ 2.5 km s −1 , as this allows energetically to have surface velocity amplitudes above ∼ 10 km s −1 (cf. Sect. 4.1). Assuming the horizontal extent of the clumps to be comparable to the sub-photospheric pressure scale height H p , we may estimate the number of convective cells by dividing the stellar surface area by the surface area of a convective cell finding that it scales with (R/H P ) 2 . For our main sequence O star models in the mass range 20-60 M ⊙ , we find pressure scale heights in the range 0.04-0.24 R ⊙ , corresponding to a total number of clumps in the range 6 ×10 3 − 6 × 10 4 . In principle, this might be testable through linear polarization variability measurements, which can probe wind asphericity at the very base of the wind (Davies et al. 2007 ).
Observations
Evidence has been accumulating that the winds of massive stars may be subject to small scale clumping. So far this is best documented for Wolf-Rayet (WR) stars, where line variability on time scales of minutes to hours is thought to constitute direct evidence of outflows that are clumped already in the acceleration zone near the base of the wind (Lépine & Moffat 1999) . This clumping may be part of the explanation for the wealth of intricate detail seen in nebulae around WR stars (Grosdidier et al. 1998) . Recently, Lepine & Moffat (2008) reported spectroscopic variability in the Of supergiants ζ Pup (see also Eversberg et al. 1998 ) and HD 93129A. The amplitude of the variation (at the 1-3% level) is similar as in WR stars supporting the notion that clumping is not restricted to WR stars.
Indeed, evidence that O star winds are clumped is given by, among others, Puls et al. (2006) . These authors investigate the clumping behavior of the inner wind (inside about two stellar radii) relative to the clumping in the outer wind (beyond tens of stellar radii) of a large sample of supergiant and giant stars. They find that in stars that have strong winds, the inner wind is more strongly clumped than the outer wind, whereas those having weak winds have similar clumping properties in the inner and outer regions. Their analysis only allows for such a relative statement. In principle, for weak winds the outer part could be homogeneous. If so, weak winds are not clumped. In any case, strong winds -identified as such if Hα is seen in emission -are clumped near the base of the wind. A measure of the degree of clumping is the clumping factor f cl = ρ 2 / ρ 2 ≥ 1 where angle brackets denote (temporal) average values (e.g. Puls et al. 2006) .
Apparently, this type of radial behavior is not consistent with hydrodynamical predictions of the intrinsic, self-excited line-driven instability (Runacres & Owocki 2002 . Such models predict a lower clumping in the inner wind than the outer wind. Moreover, if there was any dependence on wind density predicted at all, optically thin winds should be more strongly clumped than optically thick winds (Owocki & Puls 1999; Puls et al. 2006) . Therefore, the findings on the radial clumping behavior in O stars may point to an additional excitation mechanism of wind structure. Fig. 12 shows that the O stars investigated by Puls et al. (2006) populate the regime in the HR diagram in which our models predict the average convective velocity in the top part of the FeCZ to change from a few to over 2.5 km s −1 , indicating that surface velocity fluctuations on the order of the local sound speed are possible (cf. Sect. 4.3.1). Though the part of the HR diagram that is covered by the sample is limited (4.46 < ∼ log T eff < ∼ 4.66; 5.29 < ∼ log L/L ⊙ < ∼ 6.26), the trend is such that stars with relatively strong clumping in the inner winds are in a regime where c is higher. A correlation between clumping at the base of the wind and c , i.e., between wind clumping and the properties of the FeCZ, appears therefore possible. To further test the idea that the FeCZ produces wind clumping at the wind base for sufficiently luminous and cool stars it would be desirable to derive the radial clumping profiles for cooler (i.e. B-type) stars. If correct, such stars, both the ones with weak and strong winds, should have relatively strong clumping at the base of the wind.
To derive the spatial scale of the wind clumps from linear polarimetry has not yet been possible for main sequence OB stars. A limitation is that this technique requires very high signal-to-noise observations (see discussion in Harries et al. 2002) . Luminous Blue Variables (LBVs) however provide a more appropriate category of objects to test wind clump sizes, because of a combination of higher mass-loss rates, and lower wind velocities than for O stars (Davies et al. 2005) . Indeed, Davies et al. (2007) show that in order to produce the observed polarization variability of P Cygni, the wind should consist of about ∼ 1000 clumps per wind flow-time (τ f l ≡ R ⋆ / ∞ ). To see whether this observational result is compatible with sub-surface convection causing wind clumping, we considered the sub-surface convective regions of a massive star model with global properties similar to those of P Cygni (initial mass 60 M ⊙ , log(L/L ⊙ = 5.9, and log T = 18 000 K ). As a result of the lower gravity, the pressure scale height in the FeCZ in this model is about 4 R ⊙ , which is much bigger than in our O star models. Consequently, the same estimate for the number of clumps as done for the main sequence models in Sect. 4.3.1 yields about 500 clumps per wind flow time, a number which is quite comparable to that derived for P Cygni observationally (about 10 3 clumps per wind flow time).
Finally, Fullerton et al. (1996) have conducted a spectroscopic survey of O stars and observed intrinsic absorption line profile variability (LPVs) for about 77% of their sample. They report an increase of incidence and amplitude of variability with increasing stellar radius and luminosity, as well as no statistically significant line profile variability for dwarfs earlier than O7.
While Fullerton et al. attempt to relate their findings to the predictions of strange-mode pulsation in O stars by Kiriakidis et al. (1993) , a comparison of their results (see their Fig. 13 ) with the occurrence of sub-surface convection as depicted in Fig. 9 indicates the possibility of a physical connection between line profile variability and sub-surface convection in O stars.
Magnetic fields 4.4.1. Fields from iron convection zones
In solar-type stars, surface convection zones modified by the stellar rotation are thought of being capable of producing a magnetic field through the so called αΩ-dynamo (Parker 1975; Spiegel & Weiss 1980; Spiegel & Zahn 1992) . The FeCZ in our massive main sequence stellar models has a spatial extent similar to the Solar convection zone, although its mass is much smaller, and OB stars are rapid rotators, so it is possible that a dynamo may also work in the envelopes of OB stars. If so, the magnetic field may be able to penetrate the radiatively stable layer above the FeCZ, and dynamically significant field strengths might be achievable. To this end, we follow the model by MacGregor & Cassinelli (2003) for the rise of buoyant magnetic flux tubes generated at the edge of the convective core of massive stars through their radiative envelope and apply this model to the FeCZ and the overlying radiative layer. The magnetic field strength B 0 in the iron convection zone is estimated assuming equipartition of kinetic energy density and magnetic energy density inside the convective layers:
which, for our 60 M ⊙ star at Z=0.02, reaches about B 0 ≃ 2700 G inside the iron convective zone. The surface field B s is then obtained by multiplying this number with the ratio of the surface density ρ s and the density in the FeCZ ρ 0 , i.e. B s ≃ B 0 ρ s /ρ 0 ≃ 60 G. Similarly, for the 20 M ⊙ model at Z=0.02 we obtain B 0 ≃ 1400 G and B s ≃ 10 G. Although at the surface, the magnetic pressure in the flux tubes is only on the order of a few percent of the total pressure, it is on the same order as the gas pressure and could thus lead to considerable horizontal density differences. Compared to the situation envisioned by MacGregor & Cassinelli (2003) , who found that the rise time of the flux tubes from the edge of the convective core to the stellar surface can be comparable to the main sequence life time (but see also MacDonald & Mullan 2004) , the rise time of the flux tubes from the FeCZ to the surface is much shorter. And while the initial magnetic field strength at the edge of the convective core can be considerably higher than our values of B 0 , the surface fields obtainable from the sub-surface convection zones are higher, due to the much lower density contrast between convection zone and surface in this case. As a consequence, even though we are far from a detailed picture, it seems conceivable that the FeCZs in massive main sequence stars produce localized magnetic fields at their surface. The interaction of the stellar wind with the localized surface magnetic fields could enhance the rate at which the wind induces a loss of stellar angular momentum. Furthermore, co-rotating density patterns in the outflowing wind could be produced by these local magnetic spots.
Rotation may play an important role in the dynamo process, possibly resulting in the appearance of stronger fields at the surface for faster rotating stars. To estimate this effect, a dynamo model accounting for the differential rotation needs to be implemented in the stellar evolution calculations. This will be the discussed in a subsequent paper.
Observations
Surface magnetic fields have been linked to several observed phenomena in OB stars, e.g. discrete absorption components (DACs) in UV resonance lines (e.g., Prinja & Howarth 1988; Massa et al. 1995; Kaper et al. 1997; Prinja et al. 2002) , which are thought to diagnose large scale coherent wind anisotropies (Cranmer & Owocki 1996; Lobel & Blomme 2008) , or the less coherent line profile variability mentioned above (Fullerton et al. 1996 . Also non-thermal X-ray emission of OB main sequence stars has been proposed to relate to surface magnetic fields (e.g., Babel & Montmerle 1997; ud-Doula & Owocki 2002) .
A connection of the FeCZ in massive stars with the phenomena mentioned above has not yet been considered. However, such a connection becomes testable through our results. While in our comparison to observed microturbulence presented above we discussed when sub-surface convection may lead to detectable surface velocity fluctuations, the presence of surface magnetic fields may simply depend on whether an FeCZ is present in the star or not. Looking at Fig. 9 , we see that in our models the FeCZ is absent for luminosities below about 10 3.2 L ⊙ , 10 3.9 L ⊙ , and 10 4.2 L ⊙ for the Galaxy, LMC and SMC, respectively. If DACs or line profile variability were produced by magnetic flux tubes generated in the FeCZ, those phenomena would not be expected for OB stars below those luminosities. Howarth & Prinja (1989) find DACs in nearly all O stars (97%) in a large Galactic sample, with log L/L ⊙ > 4.5 and with effective temperatures as high as the zero-age main sequence values of stars above ∼ 20 M ⊙ . Since those stars are well above the luminosity threshold for the occurrence of the iron convection at Galactic metallicity, these observations do not exclude DACs being due to FeCZ induced B-fields. Also, all eleven early B supergiants with DACs in the sample of Prinja et al. (2002) are predicted to have strong FeCZ by our results. Notably, between about 20 M ⊙ and 40 M ⊙ , stars close to the zero-age main sequence are not predicted to be pulsationally unstable (cf. Fig. 11 ), which may be in conflict with pulsations as the origin for DACs.
Other types of fields
It may be interesting to briefly compare the expectation from surface magnetic fields produced via the FeCZ to that for fields produced by other means. Surface fields produced by convective cores (Schuessler & Paehler 1978; Charbonneau & MacGregor 2001; MacGregor & Cassinelli 2003) have been proposed to relate to the same phenomena as those mentioned above, even if for massive stars the buoyant rise of magnetic fields from the convective core seems to be unlikely (MacDonald & Mullan 2004) . In contrast to the sub-surface FeCZ, convective cores are prevalent in all stars above about 1.2 M ⊙ . It has been found that the longer lifetime of stars of lower mass may favor the drift of fields produced in the core to the surface (Schuessler & Paehler 1978; MacGregor & Cassinelli 2003) . Therefore, the expected trend is opposite to that found for fields produced by the FeCZ, where surface fields may occur only for stars above a critical mass (or luminosity), and stronger fields are found for more massive stars.
On the other hand, in contrast to fields from the FeCZ, magnetic flux tubes produced in the core may carry CNOprocessed material to the surface. This might thus constitute a mechanism to explaining nitrogen enrichment in slowly rotating early B stars (Morel et al. 2006 (Morel et al. , 2008 Hunter et al. 2008a) . Strong fossil magnetic fields are thought to persist in only a fraction of massive stars (Ferrario & Wickramasinghe 2005; Braithwaite & Spruit 2004) , and may lead to, among other phenomena, highly anomalous surface chemical compositions, wind confinement, and variable X-ray emission (e.g., Wade et al. 2006; Townsend et al. 2005) . Those strong features can clearly not be produced by fields originating from the FeCZs.
Finally, magnetic fields produced in differentially rotating massive stars by the Spruit-Taylor dynamo (Spruit 2002) may transport angular momentum and chemical species (cf., Heger et al. 2005) . These fields are predominantly of toroidal geometry and would quickly decay near the stellar surface, and are thus not thought to lead to observable fields at the stellar surface (but see also Mullan & MacDonald (2005) ).
Concluding remarks
Hot luminous stars show a variety of phenomena at their photosphere and in their winds which still lack a clear physical interpretation at this time. Among these phenomena are photospheric turbulence, spectral line variability (DACs and LPVs; see Sect. 4), wind clumping, variable or constant non-thermal X-ray and radio emission, chemical composition anomalies, and intrinsic slow rotation. In the previous section, we argued that the iron convection zone could be responsible for various of these phenomena.
We proposed in Sect. 4.1 that a physical connection may exist between microturbulence in hot star atmospheres and a subsurface FeCZ. The strength of the FeCZ is predicted to increase with increasing metallicity Z, decreasing effective temperature T and increasing luminosity L (Sect. 3), and all three predicted trends are reflected in the observational data. This suggests that microturbulence corresponds to a physical motion of the gas in hot star atmospheres. This motion may then be connected to wind clumping (Sect. 4.3), since the empirical microturbulent velocities are comparable to the local sound speed at the stellar surface. In order to verify such a picture, multi-dimensional calculations of the FeCZ and the radiative layers above, including the stellar atmosphere, are required -similar to the recent generation of atmosphere models for cool stars (e.g., Asplund et al. 1999; Wedemeyer et al. 2004) .
In Sect. 4.4, we proposed that the FeCZ in hot stars might also produce localized surface magnetic fields, in Galactic stars for luminosities above ∼ 10 3.2 L ⊙ . This could explain the occurrence of DACs (discrete absorption components in UV absorption lines), also in very hot main sequence stars for which pulsational instabilities are not predicted. We further argued that there may be regions of the upper HR diagram for which the presence of the FeCZ influences, or even excites, non-radial stellar pulsations (Sect. 4.2).
The FeCZ could also turn out to directly affect the evolution of hot massive stars. If it induces wind clumping, it may alter the stellar wind mass-loss rate. Such a change would also influence the angular momentum loss. In addition magnetic fields produced by the iron convection zone could lead to an enhanced rate of angular momentum loss. These effects become weaker for lower metallicity, where the FeCZ is less prominent or absent (see Sect. 3).
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